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Abstract. Massive stars have a strong impact on their surroundings, in particular when they
produce a core-collapse supernova at the end of their evolution. In these proceedings, we review
the general evolution of massive stars and their properties at collapse as well as the transition
between massive and intermediate-mass stars. We also summarise the effects of metallicity and
rotation. We then discuss some of the major uncertainties in the modelling of massive stars, with
a particular emphasis on the treatment of convection in 1D stellar evolution codes. Finally, we
present new 3D hydrodynamic simulations of convection in carbon burning and list key points
to take from 3D hydrodynamic studies for the development of new prescriptions for convective
boundary mixing in 1D stellar evolution codes.
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1. Introduction
The progenitors of (iron) core-collapse supernovae (CCSNe) are by definition massive

stars. Indeed, massive stars are stars massive enough to go through all the burning stages
from hydrogen to silicon burning and form a core composed mostly of iron-group ele-
ments. Since these are the most stable elements, no more nuclear energy can be extracted
to counter-balance gravity. Once the inner core is massive enough for electron degener-
acy pressure to be overcome (Chandrasekhar mass limit), the iron core collapses and
sometimes leads to a powerful explosion as in the case of SN1987A. In this paper, we
review the general evolution of massive stars at solar metallicity as well as the impact
of rotation and mass loss. We also discuss briefly the effects of metallicity. The models
and plots presented in this paper are taken from Hirschi et al. (2004) unless otherwise
stated. Other recent grids of models at solar metallicity can be found in Ekström et al.
(2012); Chieffi & Limongi (2013); Sukhbold & Woosley (2014).

2. Evolution of Surface Properties (HR diagram) and Lifetimes
Figure 1 (left) shows the evolutionary tracks of different 20M� models in the HR–

diagram and thus how the surface properties of these stars evolve. The non-rotating model
is representative of the lower end of massive stars, which keep an extended hydrogen-rich
envelope, end as red supergiant and produce type II supernovae. The 300 km s−1 model
is representative of the higher end of massive stars, for which most or all of the H-rich
envelope is lost via stellar winds and the star ends as a hot star, generally a Wolf-Rayet
star and produce a type Ib or Ic supernova depending on how much helium is left. Note
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Figure 1. Left: HR–diagram for 20 M� models: solid, dashed, dotted-dashed and dotted lines
correspond respectively to vin i= 0, 100, 200 and 300 km s−1 . We also indicate the position of the
progenitor of SN1993J. Right: Burning lifetimes as a function of the initial mass and velocity.
Solid and dotted lines correspond respectively to rotating and non–rotating models. Long–dashed
and dotted–dashed lines are used for rotating and non–rotating Ne–burning lifetimes to point
out that they are to be considered as estimates.

that type Ib and Ic supernovae also come from stars in multiple systems, in which the
hydrogen-rich envelope is lost via Roche lobe overflow (see Langer 2012, for a review on
the topic of binary interactions in massive stars). These two models also show the impact
of rotation on the evolution of massive stars. The additional models with intermediate
rotation (vini= 100 and 200 km s−1) show the smooth transition from non-rotating to
fast rotating models (for HR diagrams covering the full IMF, see Ekström et al. 2012).

As mentioned above, massive stars go through 6 burning stages: H, He, C, Ne, O, and
Si burning. The lifetimes of these stages are plotted in Fig. 1 (right). Whereas H and
He-burning stages last for roughly 106−7 and 105−6 years, respectively, the lifetimes for
the advanced phases is much shorter. This is due to neutrino losses dominating energy
losses over radiation from C burning onwards. C, Ne, O ans Si burning phases last about
102−3 , 1, 1 and 10−2 years respectively. Concerning the effects of rotation and mass loss,
there is a mass range where rotational mixing (M � 30M�) or mass loss (M � 30M�)
dominates over the other process. For M � 30M�, rotation-induced mixing extends the
H-burning lifetime and as a consequence shortens slightly He-burning lifetimes. For the
advanced phases, rotation makes stars behave like more massive stars. This is clearly seen
for C-burning lifetimes, which are shorter for rotating models. For M � 30M�, strong
mass loss leads to degeneracy in the lifetime and final properties.

3. Evolution of Central Properties in the Log Tc–Log ρc Diagram and
Lower Mass Limit for Massive Stars

Figure 2 (left) shows the tracks of the 15 and 60 M� models throughout their evolution
in the central temperature versus central density plane (LogTc–Log ρc diagram). The 60
M� model is representative of the stars more massive than about 30 M�, for which the
evolution is mainly affected by mass loss. The 15 M� model is representative of the stars
less massive than about 20 M�, for which the evolution is mainly affected by rotational
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Figure 2. Log Tc vs Log ρc diagrams: Left: evolutionary tracks for the 15 and 60 M� models.
Solid lines are rotating models and dashed lines are non–rotating models. The ignition points of
every burning stage are connected with dotted lines. The additional long dashed line corresponds
to the limit between non–degenerate and degenerate electron gas (P el

p erfect gas = P el
degenerate gas ).

Figure taken from Hirschi et al. (2004). Right: The divergence of the models following C-burning
at the transition between massive and intermediate mass stars. Figure taken from Jones et al.
(2013).

mixing (already identified in Sect. 2). For the 15 M� model, the rotating tracks have a
higher temperature and lower density due to more massive convective cores. The bigger
cores are due to the effect of mixing, which largely dominates the structural effects of the
centrifugal force. On the other hand, for the 60 M� model, mass loss dominates mixing
effects and the rotating model tracks in the Log Tc–Log ρc plane are at the same level or
below the non–rotating ones (see Hirschi et al. 2004, for more details).

Recent models for the transition between massive and intermediate stars (8 − 12M�
stars) can be found in Jones et al. (2013); Takahashi et al. (2013); Woosley & Heger (2015)
and older models can be found in (Nomoto 1984, 1987; Ritossa et al. 1999). Evolutionary
tracks from Jones et al. (2013) are shown in Fig. 2. Similar trends and conclusions are
found in the other studies. The evolution and fate of stars in this mass range are sensitive
to convective boundary mixing (CBM) treatment (e.g. overshooting), mass loss and CO
core growth. Different choices of CBM lead to the transition mass being shifted up
and down but we expect the same transitions and regimes to take place for different
choices of CBM. The fate of super-AGB stars (SAGB, AGB stars that undergo carbon
burning but not neon or subsequent burning stages) is highly sensitive to the mass–
loss prescription on the SAGB and the rate at which the core grows (Poelarends et al.
2008). Mass loss and core growth compete against each other. At solar metallicity mass
loss often wins and only a very narrow mass range at the top of the SAGB mass range
will end as electron-capture supernovae (ECSN). The 8.7 and 8.75M� models represent
models in this narrow mass range. The 8.2M� model represents models in the SAGB
mass range for which mass loss wins and this model will end as a ONe white dwarf (WD).
A temperature inversion develops in the core following the extinction of carbon-burning
in both the 8.8M� and 9.5M� models. The neutrino emission processes that remove
energy from the core are (over-)compensated by heating from gravitational contraction
in more massive stars. However in these lower-mass stars the onset of partial degeneracy
moderates the rate of contraction and hence neutrino losses dominate, cooling the central
region. As a result, the ignition of neon in the 8.8 and 9.5 M� models takes place off
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center. These two models then go through neon(/oxygen; oxygen also burns via fusion in
this situation)-flashes followed by the development of a neon(/oxygen)-flame. Owing to
the high densities in the cores of these stars, the products of neon and oxygen burning
are more neutron-rich than in more massive stars. This results in an electron fraction in
the shell of as low as Ye ≈ 0.48. Due to its higher degeneracy, Ye decreases faster in the
8.8M� and it contracts faster than the time needed for the neon/oxygen flame to reach
the centre of the star, both processes being helped by URCA pair processes. The core of
the 8.8M� model continuously contracts until the center reaches the critical density for
electron captures by 24Mg, quickly followed by further contraction to the critical density
for those by 20Ne and this model results in core collapse. The 8.8M� model produces a
ECSNe as for the 8.75M� model but via a new evolutionary path coined “failed massive
star” by Jones et al. (2013) rather than via the SAGB evolutionary path. The “failed
massive star” path is also expected to take place for a narrow mass range but it does not
critically depend on the uncertainties linked to mass loss, which is the case for the SAGB
progenitors of ECSNe. Similarly to the 8.8M� model starting neon burning off centre,
the 9.5M� model starts silicon burning off centre in a shell that later propagates toward
the center. This is another example of the continuous transition towards massive stars,
in which all the burning stages begin centrally. Although this model was not evolved to
its conclusion, we expect that silicon-burning will migrate to the center, producing an
iron core, and that it will finally collapse as an iron core-collapse SN (FeCCSN). The
canonical massive star evolution (igniting C-, Ne-, O- and Si-burning centrally) leading
to FeCCSN is expected to take place for stars with masses above 10 M�. This mass range
is represented by the 12 M�.

The fate of models at the lower end of massive stars is studied further in Jones et al.
(2014); Woosley & Heger (2015); Jones et al. (2016). At the other end of the IMF, very
massive stars evolve far away from degeneracy. Very massive stars may encounter instead
the pair-creation instability at very high temperatures (see Vink 2015, and references
therein).

4. Structure Evolution and Pre-Supernova Properties
Figure 3 shows the evolution of the structure (Kippenhahn diagram) for 20 M� mod-

els. The y–axis represents the mass coordinate and the x–axis the time left until core
collapse. The black zones represent convective zones. The abbreviations of the various
burning stages are written below the graph at the time corresponding to the central
burning stages. We note the complex succession of the different convective zones during
the advanced phases. Sukhbold & Woosley (2014) study in detail the complex convec-
tive history in massive stars. In particular, their fig. 13 shows how the location in mass
of the lower boundary of carbon burning convective shells play a key role in determin-
ing the compactness (O’Connor & Ott 2011) at the pre-supernova stage (see also Ertl
et al. 2016). It is worth noting that a few physical ingredients of the stellar models in-
fluence carbon burning in general and thus the exact location of the convective shells
and the compactness for a given initial mass. Carbon burning is sensitive to the amount
of carbon (relative to oxygen) left at the end of helium burning. This in turn is influ-
enced by the 12C(α, γ)16O rate relative to the triple-α rate (Tur et al. 2009). Convective
boundary criteria and mixing prescriptions also affect the carbon left over at the end
of helium burning. Using Ledoux rather than Schwarzschild generally leads to smaller
helium burning cores and more carbon left over. Extra mixing, especially towards the
end of He-burning brings fresh α particles that can capture on 12C and reduce its left
over abundance. Finally rotation-induced mixing, as is clearly seen in Fig. 3, leads to
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Figure 3. Kippenhahn diagrams for the non–rotating (left) and vin i= 300 km s−1 (right) 20 M�
models. The black zones correspond to convective regions. Note that these plots are produced
by drawing black vertical lines for a subset of the time steps of the model and thus the vertical
white lines around log(time left until collapse) ∼ 3 are only due to the drawing technique and
the models remain convective in between neighbouring black vertical lines.

significantly larger helium cores, less left over carbon and leads to radiative core carbon
burning (right panel). The other differences between non-rotating and rotating models
are the following. We can see that small convective zones above the central H-burning
core disappear in rotating models. Also visible is the loss of the hydrogen rich envelope in
the rotating models. The non-rotating 20 M� model is representative of the stars below
20 M�, while the rotating 20 M� model is representative of the non–rotating and rotat-
ing models above 30 M�. Above 30 M�, all stars have very similar convective history
after He–burning. They all lose their H-rich envelope and undergo core C burning under
radiative conditions. The main difference between stars above 30 M� and the rotating
20 M� model is that stars above 30 M� have one large carbon convective shell that sits
around 3 M� and thus does not influence much the final stages and the compactness at
the pre-supernova stages. The complex history of convective zones and the uncertainties
in the input physics mentioned here make it very hard to predict the exact explosion
properties of a star of a given initial mass. Nevertheless, it is likely, as in the case of
SAGB stars, that the same transitions would occur (e. g. from convective to radiative
core carbon burning) even if the input physics changes. Convective boundary mixing
(CBM) during carbon burning (and other stages), if able to change the extent of convec-
tive burning shells may affect the compactness of supernova progenitor significantly. 3D
hydrodynamic simulations of convective boundary mixing will hopefully help constrain
the 1D prescriptions used in stellar evolution codes (see Arnett et al. 2015, for a review
on the topic). We present in Sect. 6 new 3D simulations of a carbon-burning shell in a
15 M� model (Cristini et al. 2017), which brings new light on CBM during this stage.

Figure 4 (left) shows the core masses as a function of initial mass for non–rotating
(dotted lines) and rotating (solid lines) models. Since rotation increases mass loss, the
final mass, Mfinal, of rotating models is always smaller than that of non–rotating ones.
Note that for stars with M � 50M� mass loss during the WR phase is proportional to the
actual mass of the star. This produces a convergence of the final masses (see for instance
Meynet & Maeder 2005). We can again see a general difference between the effects of
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Figure 4. Pre-supernova properties (end of Si-burning): core masses as a function of the initial
mass and velocity (Left). Profiles of the radius, r, density, ρ, temperature, T and pressure P for
the non–rotating (middle) and rotating (right) 20 M� models. The pressure has been divided
by 1010 to fit it in the diagram.

rotation below and above 30M�. For M � 30M�, rotation significantly increases the
core masses due to mixing. For M � 30M�, rotation makes the star enter the WR
phase at an earlier stage. The rotating star spends therefore a longer time in this phase
characterised by heavy mass loss rates. This results in smaller cores at the pre-supernova
stage. We can see in Fig. 4 that the difference between rotating and non–rotating models
is the largest between 15 and 25 M�. As explained above, this will have an impact on the
compactness in this sensitive mass range. Improvements in input physics may reconcile
model predictions with observationally determined masses of type II supernova, with a
maximum below 20 M�, named the RSG problem by Smartt (2009) if the mass range of
high compactness ends up covering the mass range between about 17 and 22 M�, while
more massive stars explode as type Ib or Ic supernova or fail to explode (see also Georgy
et al. 2012; Walmswell & Eldridge 2012).

As well as the chemical composition (abundance profiles and core masses) at the pre-
supernova stage, other properties, like the density profile, the neutron excess, the entropy
and the total radius of the star, play an important role in the supernova explosion. Fig-
ure 4 (middle: non-rotating and right: rotating 20 M� models) shows the density, tem-
perature, radius and pressure variations as a function of the Lagrangian mass coordinate
at the end of the core Si–burning phase. The rotating model has lost its envelope, this
truly affects the parameters towards the surface of the star. The radius of the star (BSG)
is about one percent that of the non–rotating star (RSG). As said above this modifies
strongly the supernova explosion. We also see that temperature, density and pressure
profiles are flatter in the interior of rotating models due to the bigger core sizes.

5. Metallicity Effects
The effects of metallicity on stellar evolution are described in several studies (see

for example Heger et al. 2003; Chieffi & Limongi 2004; Meynet et al. 1994). A lower
metallicity implies a lower luminosity which leads to slightly smaller convective cores.
A lower metallicity also implies lower opacity and lower mass losses (as long as the
chemical composition has not been changed by burning or mixing in the part of the star
one considers). So at the start of the evolution lower metallicity stars are more compact
and thus have bluer tracks during the main sequence. The lower metallicity models also
have a harder time reaching the red supergiant (RSG) stage (see Maeder & Meynet 2001,
for a detailed discussion). Non–rotating models around Z = 10−3 becomes a RSG only
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after the end of core He-burning and lower metallicity non–rotating models never reach
the RSG stage. At even lower metallicities, as long as the metallicity is above about
Z = 10−10 , no significant differences have been found in non-rotating models. Below
this metallicity and for metal free stars, the CNO cycle cannot operate at the start
of H–burning. At the end of its formation, the star therefore contracts until it starts
He-burning because the pp–chains cannot balance the effect of the gravitational force.
Once enough carbon and oxygen are produced, the CNO cycle can operate and the star
behaves like stars with Z > 10−10 for the rest of the main sequence. Shell H–burning still
differs between Z > 10−10 and metal free stars. Metal free stellar models are presented
in Chieffi & Limongi (2004), Umeda & Nomoto (2005), Ekström et al. (2008) and Heger
& Woosley (2010).

How does rotation change this picture? At all metallicities, rotation usually increases
the core sizes, the lifetimes, the luminosity and the mass loss. Maeder & Meynet (2001)
and Meynet & Maeder (2002) show that rotation favours a redward evolution and that
rotating models better reproduce the observed ratio of blue to red supergiants (B/R)
in the small Magellanic cloud. Rotating models around Z = 10−5 become RSGs during
shell He–burning. This does not change the ratio B/R but changes the structure of the
star when the SN explodes. At even lower metallicities (Z = 10−8 models presented in
Hirschi 2007), the 20 M� models do not become RSG. However, more massive models
do reach the RSG stage and the 85 M� model even becomes a WR star of type WO
(see below). Maeder & Meynet (2001) also find that a larger fraction of stars reach
break-up velocities during the evolution. The impact of rotation on nucleosynthesis and
in particular the (not-so) weak s-process in low-Z massive rotating stars was studied in
detail by Frischknecht et al. (2012, 2016).

Note that fast rotation at low metallicities may lead to energetic explosions such as
gamma-ray bursts (see e.g. Hirschi et al. 2005; Heger et al. 2005; Yoon et al. 2006).

6. 3D Hydrodynamic Simulations of Convection in Carbon Burning
Due to the complex nature of stars, stellar models would ideally require three-dimensional

(3D) (magneto-)hydrodynamic models that include all the relevant physics. 3D hydro
models must use time steps that are at most days. The total lifetime of stars, however, is
at least millions of years. This explains why most stellar evolution models are limited to
(spherically-symmetric) one dimension (1D). The predictive power of 1D models, how-
ever, is crippled by 1D prescriptions of 3D phenomena containing free parameters, which
need to be tuned to reproduce subsets of observations. A key uncertain prescription in 1D
codes is that of convection, in particular convective boundary mixing (CBM). The mix-
ing length theory (MLT) of convection used in most codes dates back to Böhm-Vitense
(1958). The main deficiency of MLT (or MLT updates, e. g. Canuto & Mazzitelli 1991) is
that it does not provide a treatment of the convective boundary. For the boundary place-
ment, codes must use even simpler prescriptions based on linear analysis (Schwarzschild
or Ledoux criterion) and have to add CBM to reproduce the main-sequence (MS) width
(Brott et al. 2011; Ekström et al. 2012). The post-MS evolution is strongly affected by
these choices, leading to uncertain predictions (Martins & Palacios 2013). Furthermore,
SN progenitor structure is sensitive to the convection history as mentioned in Sect. 4.
Asteroseismic observations are able to constrain further CBM choices (Mosser et al. 2014;
Georgy et al. 2014). However, additional guidance and constraints are needed to improve
CBM prescriptions in 1D codes and in turn the predictive power of stellar evolution.
The computing power has finally reached the point where convective boundaries can be
resolved in the largest simulations with � 10243 resolution (see e.g. Woodward et al.
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Figure 5. Vertical (2D) snapshot taken at 2,820 s into the 5123 (hrez) simulation of the velocity
magnitude in the plane of the snapshot,

√
v2

x + v2
y , x being the vertical direction (left). The

colour-map represents the velocity magnitude in cm s−1 . Radial compositional profiles at the
lower (middle) and upper (right) convective boundary regions for the last time step of each
model. The radius of each profile is shifted such that the boundary position coincides with the
boundary position of the vhrez model. In this sense, it is easier to assess the convergence of
each model’s representation of the boundary at the final time-step. Individual mesh points are
denoted by filled circles. Approximate boundary extent (width) is indicated by the distance
between two filled squares for each resolution. The initial composition profile provided by the
1D genec code (Hirschi et al. 2004) is shown in black for a qualitative comparison only (see
Cristini et al. 2017, for more details).

2015; Arnett et al. 2015; Jones et al. 2017). This means that now these simulations can
provide the guidance and constraints to build the next generation of stellar evolution
models including 3D-hydro-based (+asteroseismology-guided) prescriptions for CBM.

We summarise in this section the results of Cristini et al. (2017) who studied CBM in
a carbon-burning convective shell in a 15 M� model using the prompi code (Meakin &
Arnett 2007). A snapshot from these simulations is shown in Fig.5 (left). Entrainment
of material at both convective boundaries was observed in all the simulations and was
analysed in the framework of the entrainment law (Fedorovich et al. 2004; Garcia &
Mellado 2014). The entrainment rate in our simulations was found to be roughly inversely
proportional to the bulk Richardson number, RiB (∝Ri−α , 0.5 � α � 1.0). We also found
that convective boundaries are broadened by shear mixing (Kelvin-Helmholtz instability)
due to the fact that the flow has to do a U-turn at the boundaries. We estimated the
boundary widths (see Fig. 5 middle and right) and found these to be roughly 30% and
10% of the local pressure scale height for the upper and lower convective boundary,
respectively. While these widths are only estimates, they confirm that the lower boundary
is narrower than the upper boundary. More importantly, the abundance profiles in the
3D simulations is much smoother than in the 1D model, which does not include any
CBM.

7. Summary and Outlook
In this paper, we reviewed the general properties and evolution of CCSNe progenitors

in the framework of 1D stellar evolution models. We also discussed the limitations of 1D
models and how 3D hydrodynamic simulations can provide unique and crucial constraints
for convective boundary mixing in massive stars, which is one of the major uncertainties
affecting the progenitors of CCSNe. We then presented new 3D hydrodynamic simula-
tions of convection in carbon burning. These new carbon burning simulations confirm the
general findings of the oxygen shell simulations presented in Meakin & Arnett (2007).
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This is promising for the long term goal of developing a convective boundary mixing
prescription for 1D models which is applicable to all (or many) stages of the evolution of
stars (and not only to the specific conditions studied in 3D simulations). The luminos-
ity (driving convection) and the bulk Richardson number (a measure of the boundary
stiffness) will be key quantities for such new prescriptions (also see Arnett et al. 2015).

The goal of 1D stellar evolution models is to capture the long-term (secular) evolution
of the convective zones and of their boundaries, while 3D hydrodynamic simulations
probe the short-term (dynamical) evolution. Keeping this in mind, the key points to take
from existing 3D hydrodynamic studies for the development of new prescriptions in 1D
stellar evolution codes are the following:
• Entrainment of the boundary and mixing across it occurs both at the top and bottom

boundaries. Thus 1D stellar evolution models should include convective boundary mixing
at both boundaries. Furthermore, the boundary shape is not a discontinuity in the 3D
hydrodynamic simulations but a smooth function of radius, sigmoid-like, a feature that
should also be incorporated in 1D models.
• At the lower boundary, which is stiffer, the entrainment is slower and the boundary

width is narrower. This confirms the dependence of entrainment and mixing on the
stiffness of the boundary.
• Since the boundary stiffness varies both in time and with the convective boundary

considered, a single constant parameter is probably not going to correctly represent
the dependence of the mixing on the instantaneous convective boundary properties. As
discussed above, we suggest the use of the bulk Richardson number in new prescriptions
to include this dependence. More in-depth discussions on this topic can be found in
Arnett et al. (2015); Viallet et al. (2015)
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